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Abstract

This thesis investigates the magnetospheres and envelopes of hot stars, fo-
cusing on the complex interactions between magnetic elds, stellar winds
and their envelopes. Using advanced computational modelling with the codes
TLUSTY, SYNSPEC, and MESA, we explore the effects of deviation from
local thermodynamic equilibrium on the stellar atmosphere and the evolu-
tionary processes in the advanced stages of hot stars. Special attention is
given to the convergence of models and the sensitivity of physical parameters,
ensuring accurate simulations which support theory or analytical equations.

The rst key point of this thesis was to evolve an extreme horizontal branch
star using the MESA code. This modelling obtained information about the
star's potential evolution and structure. This was used as auxiliary information
in the article of Krttka et al. (2024).

A second key point is the identi cation and resolution of false emission
features inthe SYNSPEC code, which is crucial for validating spectral models.
Furthermore, the results obtained from modelling the irradiation effects on
spectra have broader applications beyond the magnetospheric context, offering
valuable insights for future studies, such as those involving binary systems
with a compact companion star. The research ndings are published in Kajan,
Krticka, and Kubat (2024).






Abstrakt

Tato dizertana praca skima magnetosféry a obalky horucich hviezd, pri-
com sa zameriava na komplexné interakcie medzi magnetickymi polami,
hviezdnymi vetrami a ich obalkami. Pou itim polaitého paitacového mo-
delovania s kédmi TLUSTY, SYNSPEC a MESA skimaneiniéey odchylok

od lokalnej termodynamickej rovnovahy na hviezdnu atmosféru a enélu
procesy v pokroilych Stadiach horucich hviezd. Osobitna pozornost je ve-
novana konvergencii modelov a vyplyvom fyzikalnych parametraw sa
zabezpeuju presnejSie simulacie podporujuce tedriu alebo analytické rov-
nice.

Prvym hlavnym bodom tejto prace bolo modelovanie hviezdy na extrém-
nej horizontalnej vetve pomocou kédu MESA. Toto modelovanie poskytlo
informacie o potencialnom vyvoji a Struktare hviezdy. Tieto informacie boli
pou ité ako pomocné Udajealanku Krticka et al. (2024).

Druhym hlavnym bodom je identi k&cia a rieSenie faloSnych emisnych
znakov v kéde SYNSPE je dble ité pre validaciu spektralnych modelov.
NavysSe, vysledky ziskané modelovanioinkov o iarenia na spektra maju
SirSie uplatnenie nad ramec magnetosférickeého kontextu a ponukaju cenné
poznatky pre buduce Studie, ako napriklad tie, ktorérzgh binarne systémy
s kompaktnou sprievodnou hviezdou. Vysledky vyskumu su publikované v
clanku Kajan, Kricka a Kubat (2024).
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Chapter 1

Introduction

This thesis focuses on hot stars with effective temperatures higher than 10 kK.
These stars are characterised by intense luminosity, even in the UV part of
the spectra, where they typically have a peak of spectral energy distribution.
Their atmosphere is the stage for great interplay between radiation, magnetic
eld and winds. We already know, for example, the reason for the wind
generation in hot stars (radiation-driven winds), which is different from wind
generation from the Sun. We know that hot stars have a radiative envelope
instead of a convective envelope in cooler stars, and historically, they are
sometimes marked as early-type stars. Also, synthetic spectra for hot stars
are problematic if they are modelled in local thermodynamics equilibrium,
which we can resolve by including the effect of deviations.

This thesis provides a brief introduction and physical equations at the
beginning of every chapter to give insight into the topic. This is followed by
a description of my scienti ¢ projects, which range from small to big.

In Chapter 2, we model the star in code MESA to describe the evolutionary
stage of the extreme horizontal star. The paper ofcKdiet al. (2024), in
which | was a co-author, used the model's physical insight. We generated a
helium-burning model of the star with low mass and low metallicity typical
for stars inw Cen. We analysed their structure and evolution with initial
lower metallicity and examined gravity modes' period spacing. In addition,
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we present models that were done only for the thesis and were not published
in Krticka et al. (2024), e.qg., dividing the life of a star after removing the
envelope into different stages based on its physical structure. Furthermore,
this chapter will brie y mention how we generated models of evolved massive
stars in MESA.

Next, in Chapter 3, we use code TLUSTY to generate spectra of cooler
stars. We did this using the newest version (v.208), which implemented a
method for calculating spectra for cooler stars than 12kK for the rsttime. We
made an overview of how to generate them and created tables for calculating
spectra, which are free to download. These synthetic spectra were also used
for improving the script used in Piecka, Hutschenreuter, and Alves (2024).

In Chapter 4, we explore the interactions between the magnetosphere and
atmospheres of hot stars, focusing on the resulting dynamical and thermal
effects to enhance our understanding of stellar magnetism. We hypothesised
that if the electrons accelerated in the magnetosphere were not de ected by
magnetic mirroring but impacted the star's surface, we could observe speci c
emission lines. These lines would be classi ed as auroral emission, as they
appear due to the magnetosphere's self-interaction with the star. We started
by using code TLUSTY to simulate the atmospheres of hot stars. Then,
we started to irradiate models with X-rays, with small increments between
models, using the older model as input for calculating the higher irradiated
model. We calculate the required wind mass loss for generating potential
auroral emission, assuming a one hundred per cent ef ciency conversion
of the wind's kinetic energy into high-energy photons. In the article, it
was also calculated for only one per cent ef ciency. Then, we analyse the
result and use code SYNSPEC to generate spectra from the model atmosphere.
There, we have problems with false (unphysical) emissions, which we omitted
and prohibited from reappearing. All different temperatures with different
irradiation uxes were analysed and veri ed manually. At the same time, we



also searched for UV spectra in FUSE observations deposited in the MAST
catalogue. The idea was that the high temperature of an irradiated object
would cause the most substantial changes in the population of given elements
and produce emissions. However, our search was negative, which agrees
with the models, in which we found that the most probable range for nding
emission is in the IR part of the spectrum.






Chapter 2

Evolution of hot stars

With their intense radiation, hot stars are exciting objects for testing and
understanding stellar evolution. This chapter aims to brie y overview the
evolutionary trajectory of hot stars, from the beginning to advanced stages,
by brie y describing essential physics during all stages and supplementing
theory with graphs from the Modules of Experiments in Stellar Astrophysics
(MESA) code.

At rst, we start with formation and early evolution, which is the genesis
of the star. Every star is born from dense molecular clouds, where the
gravitational collapse initiates star formation. Subsequent accretion from
protostellar disks can redistribute the mass and angular momentum to the
emerging star and the out owing matter in the late phases of the proto-star.

We continue with the star's fundamental de nition, focusing on nucle-
osynthesis's presence as the primary energy source during its evolution. The
evolution of the main sequence star is governed by a balance between gravita-
tional force and pressure gradient, which allows the star to be well understood
through analytical physics equations. The equation of state (EOS) and opaci-
ties play crucial roles in correctly determining the model's stellar structure
and evolution, not only during the main sequence.

Upon depletion of hydrogen in the core, hot stars transition into post-main
sequence phases. Their evolution is changed by a complex interaction of
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burning hydrogen in the shell, helium or heavier elements in the core, while
the envelope can experience strong mass loss. Instabilities present during
stellar evolution can cause pulsation and they can also in uence subsequent
evolution. The nal endpoints of stars can be exotic, such as supernovae
events, or create remnants such as black holes (BH), neutron stars (NS), or,
most typically, white dwarfs (WD).

Finally, we use all this basic knowledge to show a few evolutionary models
of hot stars in MESA. MESA provides a robust framework and tool incorpo-
rating nuclear reactions, convection, diffusion, and other physical processes
during stellar life.

However, we still want to highlight that these are single-star evolutionary
models and theories. Even more than half of the stars are found in multiple
star systems.

We want to focus on showing most of the equations that describe stars, as
they can explain the mechanism better than a thousand words.

The whole chapter is written with the use of references, if not stated
differently, Ostlie and Carroll (1996), Phillips (1999), and Garcia-Zamora,
Torres, and Rebassa-Mansergas (2023).

2.1 Formation of the proto-star

We know that stars are born in circumstellar clouds. Sir James Jeans rst
analysed the equilibrium of these clouds and predicted the critical mass
needed to initiate their collapse. He used the virial theorem, which we derive
in a few quick steps. First, we can introduce scalar Q de ned as:

Q= apiri; (2.1)
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wherep is momentum and radius of its particles. Then its time derivative
can be written as:

Q= ap.r+ap.r. 2T+aFr., (2.2)

whereT is kinetic energy and; is the force acting on the particles. After
integration over a very long period and dividing by the period, we obtain the
time average o), which is zero for the system in equilibrium. If the term
< %—? >6 0, it would imply a continuous change in the system's macroscopic
properties, contradicting the equilibrium condition. Then we get

* +

T= é Firi (2.3)
[

NI

Next, for a gravity force|f r 2), we can rewrite force as the minus gradient
of potential energy leading to:

T= 2U; (2.4)

whereU is potential energy. This equation is the virial theorem for the
gravitational potential.

The virial theorem applied to the cloud means that if kinetic enérgg/
larger than half of the absolute value of potential energy, the force from gas
pressure dominates, and the cloud expands. And, respectively, if the absolute
value of potential energy is larger than two times kinetic energy, the cloud
starts collapsing. If we substitute the potential energy of the spherical cloud
with constant density and the kinetic energy and EOS for an ideal gas, while
the number of particles is given Y= -=-, then the virial theorem would
look like:

2T pgT< 2220 (2.5)
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wheremis mean molecular weighitny is mass of hydrogerG is gravity
constantkg is Boltzmann constant, is temperature, and is radius. After
simple algebra and the assumption that the cloud is still homogeneous

_— 4 .
M= Zpr R; (2.6)

wherer is density, we get the minimal required mass (marked as Jeans mass

Mj) in the following equation:
S

5keT ° 3
Mj= : 2.7
J Gmmy 4apr (2.7)

If the cloud's mass exceeds the Jeans miks (M), gravity will dominate

over thermal pressure, causing the cloud to collapse. If the mass is below this
threshold 1 < Mj), the cloud will remain stable and will not collapse. We
see that the Jean's mass depends on the following "free" parameters:

Mp T332 r 72 (2.8)

This dependence implies collapse is most probable in the densest and coldest
places, where the calculatéth would be the smallest. The collapsing cloud
can be described as being nearly in free-fall, during this rst phase, the whole
cloud's temperature remains nearly constant - isothermal approximation. This
requirement holds while the cloud is optically thin and can ef ciently radiate.
We do not observe stars to be born with very high masses, this fact shows that
another process must dominate during collapse.

This process is called fragmentation, which splits the cloud into small
parts. The initial Mass Function (IMF) describes the relative number of stars
formed with different masses. Edwin Salpeter in 1955 (Pinsonneault and
Ryden (2023), p. 168) described it with simple power law for stars with
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masses betweendM to 10M :
N(M)dMp M %35dM: (2.9)

Here,NdM is the number density of stars with masses within the in nitesimal
mass fromM to M + dM. The IMF is crucial for understanding the stellar
populations in galaxies or star clusters and plays a signi cant role in calcu-
lating isochrone, where the correct number densities of stars are needed to
calculate the evolution and dynamics of galaxies.

2.2 Timescales

This subsection is based entirely on Pinsonneault and Ryden (2023). Using
Newton's third law applied to an object with only gravitational force; we
derive the free-fall (ff) timescale:

, p2Re 7
= :

— 2.1
8GM (2.10)

For example, the Sun would collapse in one and a half hours without its
pressure gradient.

The Kelvin-Helmholtz (KH) timescale represents the time it would take
for an object (star) to radiate away all of its internal thermal energy, assuming
it has no other source of energy and the energy is lost purely through radiation
(with constanL) from its surface. The most important is the KH timescale
for proto-star, where the star contracts, while the nuclear reaction can be
neglected, and luminosity changes very slowly. If we assume the star has a
very concentrated core, we can write the following equation:

GM?

= (2.11)

tkH
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where L is luminosity. We need to include the mass distribution in the object
to get a more precise estimate. For example, if the star's density pro le is
uniform, the right side would be multiplied by 3/5. For an object with the
Sun's mass and luminosity, with mass mainly in the core, we would get a KH
timescale otky 30 Myr.

Lastly, the nuclear timescale is the time needed for all hydrogen in the
star to be converted into helium, providing energy that supplies the escaping
energy.

_ fhue M (1 I
thuc= 105 Gyr 10 M R

wherefn,cis a fraction of the mass which is burned to helium, and for the Sun,

the value is roughlyf,y,c= 0:1, which gives a timescale of nuclear burning
for Sun 105 Gyr.

(2.12)

2.3 Pre-main sequence evolution

The pre-main sequence (PMS) phase in a star's life is critical. It encompasses
its formation from a molecular cloud to the point when hydrogen fusion fully
balances the energy lost through radiation. This phase provides a window
into the early stages of stellar evolution, revealing the processes that shape
the characteristics of young stars before they settle into stable main-sequence
burning.

After the collapse of a molecular cloud, proto-star forms, best described
as a quasi-static object with a central hydrostatic core surrounded by slowly
in-falling gas. The object is called a PMS star after all the in-falling gas
accretes onto the core or is blown away. The PMS star thermally adjusts on
the Kelvin-Helmholtz timescale. Becausg  ts, this stage of evolution
proceeds very slowly in comparison with the collapse of the cloud. According
to the virial theorem Eq. 2.4, half of the potential energy is converted into
increasing thermal energy. When the proto-star reaches a critical temperature
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and density in its core, hydrogen ignites, and the proto-star transitions to the
main sequence, where it will steadily burn hydrogen over its main sequence
(MS) lifetime.

2.4 Main sequence evolution

At the beginning of their evolution, stars are primarily composed of hydrogen,
which constitutes about 70% of their mass fraction (denoted)asThe
second most abundant element is helif)y ollowed by metalsZ). For
instance, the Sun has a metallicity of approximatly 0:014 [Asplund
et al. (2009)]. We usually assume that stars have a homogeneous composition
at the beginning of the MS, marked as the zero-age main sequence (ZAMS).
As hydrogen is the most abundant element in the universe and at the
beginning of the star, and hydrogen fusion produces a larger amount of energy
per gram than any fusion of the heavier elements, the star spends most of its
time in the main sequence phase, which burns hydrogen in the core to helium.
In the case of the Sun, the MS phase will last approximately 10 Gyrs. The star
looks 'static’ as hydrogen burning occurs in the core. As time passes on MS,
more and more helium in the core modi es individual physical properties;
the changes are visible on the surface; however, the consequences are minor
(but not negligible) during the MS phase. There is another difference even in
hydrogen burning for stars under mass W.4; for them, hydrogen burning
proceeds predominantly through the proton-proton reaction (p-p); however,
in more massive stars, the CNO cycle is dominant. If the star's mass is under
roughly0:08M , temperature and density in the core are not enough to even
start p-p burning.
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Figure 2.1 Differential volume elemeAdr with densityr is used to analyse the forces
acting within a uid. The element is a rectangular prism with a cross-sectionalfeaed a
differential thicknesslr. Force acting from the bottonR{ytom A) is bigger than the force
from the top, and the resulting force acts from the bottom and in the opposite direction to
gravity.

2.4.1 Hydrostatic equation for the star

In this subsection, we would like to point out a few equations which describe
the star during the main sequence very well. The star during the main
seqguence is nearly in hydrostatic equilibrium.
The massnenclosed by the sphere with a radrusnd density can be
described as 7
i
mrr)=  r(r94pr®dr® (2.13)
0

lllustration in Figure 2.1 shows the pressure force acting on the top and
bottom of the cuboid while the gravity force is proportional to the size of the
cuboid times density. If we use Figure 2.1 and write forces (second Newton
law) that act on the material inside the star in the radial direction, we get:

d?r 1dP
a2 =g(r)+ Tdr (2.14)

wheret is time,g(r) is gravity at the radius andP is pressure. Assuming that
there is no force from the pressure gradient, we could estimate the timescale
of free fall Eq. 2.10. But here, we assume that the material is in equilibrium,
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then we get the following equation:

dP Gm(r)r (r)
—= ——= 2.15
dr r2 (2.15)

The effective temperaturk¢ of the star is de ned as the total amount of
energy that the star radiates per unit of time across all wavelengths divided by
the surface of the star and Stefan-Boltzmann constaatl to the power of

the one fourth:
L 1=4

4pR2s ’
When the energy is transported by radiative diffusion, the following equation
can describe the process

Tett = (2.16)

dT _ 3 k(r)r (r)L(r)
dr ~ dac [T(r)]34pr2’

(2.17)

wherec is the speed of light, analis constant, which is connected wihin

relation
— 4S .

o
The equation 2.17 can also be understood as a requirement to decrease the
temperature with a radius.

a (2.18)

Following the topic of energy transport, we now focus on convection. This
part of the section is taken from Maeder (2009). We rewrite our earlier de ned
equation of the temperature gradient of the material (without label) Eq. 2.17,
in terms ofN as follows:

dT dinT dinP N
W_TdInP dr =T Hp’

(2.19)

whereHp is pressure-scale height, aNdof the material) are de ned as:

dr _ . TInT

PN —:
MInP

H -
P dP’

(2.20)
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We can also de ne the adiabatic temperature gradient as

- MInT

— : 2.21
ad ﬂInP . ( )

From the temperature gradient Eq. 2.17, we can derive the radiative ux using
the relationF,q= L=4pr2.
4acT3dT 4acT* N

Fad= KT a:substltumgwnh (Eq. 29)= 3 He (2.22)

The total energy ux is the sum of both radiative and convective uxes, and
we can also de ne the requirement for a radiative gradient, if it can carry this
total ux by only radiation; then the equation would be following :

3kr Hp -

Fot = Feonvt Frad= (2.23)

It is also possible to calculate this arti cial radiative gradi®hiqand show

that it must be larger than other gradients inside the convective zone. We
know that for convection to happen, the gradient of the Nglp, the material

to become unstable must be smaller than the gradient of the material "outside"
of the blobN (Schwarzschild criterion). Thus, the following inequality holds
inside the convective zone:

Nrad> N> Nint> I<|ad; (2.24)

where

N,aqis the radiative temperature gradient,

N is the external gradient (outside of blob, of the material),

Nint is the internal gradient (inside of the blob), and

N.qis the adiabatic gradient (for cells that do not exchange heat with
surrounding material).
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Table 2.1 Timescale of different evolution stages for a star with initial ra&lgk . Taken
from Phillips (1999) Table 4.2.

Stage | Timescale| Teord10° K | 1 cordkg m 3
Hydrogen burning 7 10° yrs 0.06 5 10
Helium burning | 5 10° yrs 0.23 7 10°
Carbon burning | 600 yrs 0.93 2 10°
Neon burning 1 year 1.7 4 10°
Oxygen burning | 6 months 2.3 1 10
Silicon burning 1 day 4.1 3 109

It is important to note that botN,,q andNzq can be calculated from fun-
damental physical quantities, and they represent limits for the "moving"
gradient,Ni,. Finally, at the boundary of the convective zone, the material
still has some momentum, which causes it to overshoot beyond the boundary.
In computational models, this is accounted for by introducing an "overshoot-
ing parameter." As discussed in sec. 2.7, this was particularly important for
modelling high-mass stars.

2.5 Post-main sequence evolution

The evolution of the observed star is relatively fast after the MS. Burning of
elements heavier than hydrogen in the stars does not take very much time; for
example, timescales of burning different elements for a star with a mass from
25 are shown in table 2.1, more details in section 2.7. The shorter timescales
are due to the lower energy obtained per gram of material than hydrogen
burning. Additionally, after the formation of iron, subsequent nucleosynthesis
involves endothermic reactions.

In Fig. 2.2, we show evolutionary tracks of models for different masses;

more details are in section 2.7.
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Figure 2.2 MESA evolutionary model in effective temperature versus luminosity plane of
massive stars after MS sequence. Marks represent models with time stepsiwith. Mye
can observe that not all points of evolutionary tracks are homogenously represented.

2.5.1 Extreme horizontal branch stars

Horizontal branch (HB) stars are characterised by the ignition of helium
fusion in their cores, placing them in speci c regions on the H-R diagram
with higher luminosity than stars on MS. Within this group, subdwarf B (sdB)
or subdwarf O (sdO) stars represent a subset of HB stars with particularly
high temperatures. In the overview from Heber (2016), extreme horizontal
branch (EHB) stars represent a unique class of stellar objects with a very small
mass of hydrogen envelope (typically0:01 M ) or in photometry de ned

by having an effective temperature above 20 kK (Moni Bidin et al. (2012)).
These stars also exhibit distinct chemical peculiarities, especially in helium
content. From an evolutionary point of view, they are evolved stars. This
can give us insight into the late stages of stellar evolution, focusing on the
transition phases from red giant to WD. One of the scenarios is that EHB
stars are remnants of red giant stars that experienced substantial mass loss.
A possibility is that they have probably experienced a hot- ash scenario
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(through delaying helium ash, which does not occur on top of RGB), and the
location on the H-R diagram where they experienced it should provide some
evolutionary limits on remnants. Mass loss is important for these objects as
their star cores are predominantly made of helium and characterised by low
mass. A large fraction of sdB stars are found in close binaries with WD or
very low-mass MS stars. The key point is that a common envelope phase
occurs during some evolutionary stages, and we cannot understand these
stars from only single-evolution models. However, we observe many single
sdB stars, suggesting the presence of yet different evolutionary scenario for
creating EHB stars, i.e. star merger [ud-Doula and Nazé (2016) overview].

The typical mass of the EHB star is above 844, which is minimal
mass for helium burning even in a denser star consisting only of helium.
As mentioned, we understand that EHB stars must lose nearly all of their
hydrogen envelopes during their evolution, which accounts for their high
effective temperature and higher gravity on the surface than stars on MS. The
most accepted mechanism driving this extreme mass loss is attributed to stellar
mass loss in binary interaction (Li et al. (2018)). Alternative evolutionary
paths can lead to the formation of EHB stars in the binary system by the
merger of two close WDs or in a single system by the strong stellar wind
when the star is on the rst giant branch, which strips the whole star of most
of the hydrogen envelope (Han et al. (2002)).

2.5.2 Remnants of stars

Ultimately, the nucleosynthesis in stars is limited by the endothermic nature
of element synthesis. Beyond the synthesis of iron, the process becomes ener-
getically negative, requiring the additional energy input to produce heavier
elements. This fundamental constraint sets an unpassable boundary even for
the most massive stars. However, additional processes further contribute to
the end of stellar evolution. In the end phases, stars experience a strong mass
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loss, and the core, which cannot gain energy from nucleosynthesis, collapses
into WD, NS, or BH. However, collapse into NS or BH is not straightforward
and can cause supernova (SN) events; for a more in-depth analysis of SN
explosion, see Kajan (2019).

These stellar remnants represent distinct endpoints in the evolutionary
journey of stars, with their formation and properties primarily dictated by the
mass and evolutionary trajectory of the progenitor star. This highlights the
vast array of outcomes resulting from stellar evolution.

White dwarfs - corpses of low-mass stars

WDs are a class of stellar remnants formed from the core of low or
intermediate-mass stars with initial mass typically betw@dn 8M . Their
classi cation is based on the appearance of absorption lines in their spectra,
and the most used classi cation of WDs is from Sion et al. (1983) or newer
classi cation, which includes incorporating composition by (Garcia-Zamora,
Torres, and Rebassa-Mansergas (2023)). WDs are then divided into DA (based
on the appearance of Balmer lines), DB (appearance ofitHabsorption),
or DO (Hell in absorption), DQ (carbon) and DZ (metals).

WDs form during the nal stages of stellar evolution for stars under

8M . As a star exhausts the synthesis of helium as a nuclear reaction,
it continually undergoes gravitational collapse, causing its core to become
more dense and hotter. In lower-mass stars, this heating of the core can lead
to nuclear runaways of different elements, resulting in the ejection of most
of the star's envelope; however, during these late evolutionary phases, stars
experience very strong mass loss even without ejection, which reduces the
star's mass. As the remaining material of the star collapses, if the density
exceeds approximateh0’g cm 3, the material becomes electron-degenerate.
This rapid increase in pressure from the electron-degenerate material halts
the collapse. The resulting WD is composed mainly of carbon and oxygen,
with a thin crust surrounded by an atmosphere of hydrogen or helium. The
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maximal mass of WD, denoted as the Chandrasekhar limit, is arbdind .
Beyond this mass, electron degeneracy pressure can no longer support the
star against gravitational collapse, leading to further collapse into an NS or a
BH, depending on the object's mass.

Upon their formation, WDs are hot and luminous, but over time, they
gradually cool and dim as they radiate away their thermal energy. The cooling
process is slow, taking billions of years. Initially, WDs cool through thermal
radiation and neutrino emission, transitioning from blue-white to red as they
age. Eventually, they become faint and cool objects known as black dwarfs,
although the timescale for this transformation is much longer than the current
age of the universe, and no black dwarfs have yet been observed.

WDs, as remnants of stellar evolution, offer critical insights into the
terminal phases of stellar life cycles and the ultimate fate of planetary systems,
including our own Solar System. Observations of metal-rich WDs indicate
that these stars can tidally disrupt orbiting planets or smaller bodies, leading
to accretion of planetary material (von Hippel et al. (2007); Budaj, Maliuk,
and Hubeny (2022)).

Neutron stars - pulsars and more

Unlike WDs, the NS and BH are formed as endpoints of the core after the
SN event. Despite having a bigger mass, NSs have smaller radii than WDs,
which can be analytically understood by the degenerate matter's equation of
the state (EOS). NS can also be found with one of the strongest magnetic
elds observed in the universe. Due to the conservation of angular momentum
following the core collapse, NS can exhibit extremely rapid rotation. This
rapid rotation and beams emitting from NS make them observable as pulsars.
Studying these objects provides insights into extreme physics that cannot
be replicated in laboratory settings, offering a glimpse into the fundamental
nature of matter and energy. Recent literature on SN explosion frequently
utilises compact parameters introduced by O'Connor and Ott (2013). These
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Figure 2.3 Compactness parameter onyaeis versus initial mass on the beginning of MS
on thex-axis for 1.75 and 2.M enclosed masses. Taken from O'Connor and Ott (2013)
Figure 1.

parameters describe whether the stellar core can collapse to form a BH or if it
can rebound material. It is introduced by a simple equation of

M=M
R(Mpary= M)=1000 ki at the time of the bounge (2.25)

XM

whereR(Mpary= M) is the radial coordinate that encloses a baryonic mass
of M, where it is usually used the massM£2.9M since this is the typical
mass scale of a formed BH from SN. With increasingxfagthe object's core
becomes more compact, and the product will likely end as BH. Contrariwise,
whenxy decreases, the object is more likely to bounce and create SN, and
the remnant would be NS. Figure 2.3 illustrates the dependence on ZAMS
mass. The key concept, however, is that the compactness parxgpesanot

a monotonic function dependent on the ZAMS mass.
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Figure 2.4 Coverage of EOS models based on density temperature pair, for speci ¢c abundance
X=0.7 Z=0.02. Taken from website:docs.mesastar.org/en/release-r24.03.1/eos/overview.html.

2.6 Brief overview of MESA code

The Modules for Experiments in Stellar Astrophysics (MESA) code by Pax-
ton et al. (2011) is a powerful and exible tool to simulate stellar evolution. It
enables the modelling of stellar life cycles from the pre-MS to the advanced
stages, including WD cooling or pre-SN stages. MESA easy framework
supports a wide range of stellar masses, compositions, cooling, nuclear burn-
ing and mass loss. It employs advanced numerical methods to solve stellar
structure and evolution equations, incorporating nuclear reactions, energy
transport, and mixing processes. The highly modular code allows users to
customise simulations to their research needs. Continuous updates and a
supportive user community enhance its capabilities and accessibility. Its
application spans various astrophysical contexts, from single-star evolution
to binary interaction and stellar population synthesis.

Code MESA use a blend of the OPAL [Rogers and Nayfonov (2002)],
SCVH [Saumon, Chabrier, and van Horn (1995)], FreeEOS [Irwin (2004)],
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HELM [Timmes and Swesty (2000), PC [Potekhin and Chabrier (2010)],
and Skye [Jermyn et al. (2021)] EOSes. Radiative opacities are primarily
from OPAL [lglesias and Rogers (1993); Iglesias and Rogers (1996)], with
low-temperature data from Ferguson et al. (2005) and the high-temperature,
Compton-scattering dominated regime by Poutanen (2017). Electron conduc-
tion opacities are from Cassisi et al. (2007) and Blouin et al. (2020). Nuclear
reaction rates are from JINA REACLIB [Cyburt et al. (2010)], NACRE
[Angulo et al. (1999)] and additional tabulated weak reaction rates [Fuller,
Fowler, and Newman (1985); Oda et al. (1994); Langanke and Martinez-
Pinedo (2000)]. Screening is included via the prescription of Chugunov,
Dewitt, and Yakovlev (2007). Thermal neutrino loss rates are from Itoh
et al. (1996).

MESA code consists of many modules, each responsible for different
aspects of numerics or physics, creating a whole computational model of
stellar astrophysics. Physical modules are divided into microphysics and
macrophysics. Microphysics modules are divided into physical constants,
EOS, opacities, thermonuclear and weak reactions, and nuclear reaction net-
works. For example, the EOS is a blend of different opacity tables. For
stars with mass abundanc¥s0.7 andZ=0.02, the opacity for the given
density-temperature pair is from the opacity table following Fig. 2.4. Macro-
physics modules are instead responsible for, i.e. convection mixing length,
convective overshoot mixing, diffusions, atmosphere boundary conditions,
and gravitational settling.

For detailed information, it is best to use the of cial Sit¢he website
describes all modules. Also, it contains a page dedicated to a list of known
bugs found in older versions.

Ihttps://docs.mesastar.org/en/release-r24.03.1/modules.html
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2.7 My work - the evolution of massive stars after the main
sequence in MESA

In Figure 2.2, we modelled the evolution of stars with a speci ¢ mass on
ZAMS using code MESA version r24.03.1. The modelled stars have solar
metallicity (Z=0.02) and mass loss wind set as default in the following tem-
plate taken from MESA. We were interested in studying what is similar for
these stars withieg 9 kK and very small gravity log 1, to the right on
the H-R diagram from the MS sequence, in terms of physics or different pa-
rameters. This is why we evolved massive stars after MS and looked at them
after the terminal age of the main sequence; we focused on their progress
convection zones in the subsurface and other parameters, i.e., evolutionary
tracks.

All models are based on templat®_prems_to  AGBEMESA template].
The model of the star is considered to end MS when a relative mass abun-
dance of hydrogen reaches less th@n*. At the same time, the stopping
condition was chosen to be under-abundance helium in the core (relative mass
abundance d§He in the core reaches less thh 4). All input data can be
downloaded and then started with code MESA version 24.03 from the website:
https://is.muni.cz/www/kajan/mesa/. In Figure 2.2, we skipped evolutionary
preMS and MS evolution, but we used a calculated time at the end of MS
to describe the typical evolutionary timescale. The position of stars on their
tracks from MS to the red supergiant branch is not linear with time. Another
problem was the big jump appearing with a model with ZAMS nzghd .
We solved this after private communication with R. Townsend because we
omitted to incorporate important physical processes, mainly overshooting of
the convective zone. We included that based on article Temaj et al. (2024), and
the jump then disappeared. Here is a list of additional changes which were
incorporated. Parameters "mesh_delta_coeff" was set to 0.8, "max_dq" was



24 Evolution of hot stars

setto5 10 3, "varcontrol_target" was set ttD °, alpha for semi-convection
was set to 0.1, instantaneous semi-convection based on Ledoux criterion was
turned on. We allow "step" overshooting on the top side for hydrogen and
helium burning with the overshooting parameter set to 0.05.

The models were also used to study the inner structure of stars, which
exhibit high-velocity events in Pivikova (2024).

2.8 My work - the evolution of the EHB star in MESA

This section will describe our methodology to model subdwarf O-type (sdO)
stars, incorporating additional modi cations to what we used in articlecK#i
et al. (2024). The full article is also provided in Appendix A.

We followed the procedure for creating a sdO star as described in Han
et al. (2002). We started with creating a preMS star with masses ranging from
1.5to 2.5M , with a mass fraction of metal set Z3=0:0006corresponding
to a globular cluster'sv Cen. We used the MESA templateprems_to_wd
which evolves a star from preMS to WD with the following modi cations.
We enhanced the mesh resolution of the WD, changing the mesh coef cient to
0.25, and turned on the Ledoux criterion for convection (Schawrzschild crite-
rion for convection we showed in Eq. 2.24), which in retrospect signi cantly
reduced théPy to the order of days.

The star's evolution was calculated in MESA version r24.03.1 and, for
best practice, was divided into different segments for different phases of
evolution. In the following text, we will describe the life of the model star
with an initial mass of 2.4 . Each phase of the evolution can have different
parameters and requires a speci ¢ stopping condition, which is a prede ned
state at which the model is saved and can be subsequently loaded in the next
phase. We mention all stopping conditions between the different phases of
the model.
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1. First, after creating a preMS star, the evolution is stopped when the
luminosity from the burning hydrogen exceeds (our) de nitidn . The
reasoning is that this stage includes simpler physics (i.e. no mass loss
and only simple mixing).

2. Next, the star evolves until it reaches the end of its MS phase, with the
stopping condition being a central relative mass abundance of hydrogen
Ay is less than 10%.

3. The star then evolves until it begins burning hydrogen in an off-centre
shell with an integrated luminosity of approximatelylOOOL , mark-
ing the onset of core helium burning and the ejection of the envelope.

4. Finally, we stripped away the hydrogen envelope, leaving a helium core
and envelope witld:01M of hydrogen, effectively simulating an sdO
star. The star was then allowed to evolve through helium burning in the
core until nucleosynthesis ended. The stopping condition was set when
the star's luminosity dropped under 19L .

Figure 2.5 shows the whole evolutionary track after removing the envelope
(marked as core) is very complex, but we describe it based on the location
and elements responsible for occurring nucleosynthesis.

After arti cially removing most of the envelope, we focus on the evolution,
retaining only the core and a hydrogen envelope with a ma@9aM . Ini-
tially, we observed that the remnant, described as an EHB star (core with thin
hydrogen envelope), resumed helium nucleosynthesis, increasing the effective
temperature above 15 kK. Additionally, we analysed the accretion of material
onto the star, including heavier elements and more complex nucleosynthesis
networks. Speci cally, we adde@®001M of material with the same mass
abundances as observed in Kkia et al. (2024). The resulting surface convec-
tion zones did not signi cantly change the calculated Brunt-Vaisala frequency.
Furthermore, we investigated whether signi cantly lowering the metallicity
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Figure 2.5 The evolution of a star with an initial masdfM and a metallicity of Z=0.0006

is traced until luminosity decreases undér 3L e. An age is speci ed at the end of each
evolutionary stage, except for the core stage. Where the age is noted at the end of stable
helium burning, just before the track transitions to the unstable stage. Models marked with
an asterisk () on the graphs represent time step&gf=50, wheretys is the total time spent

on the main sequence. The dashed line connects the movement along the H-R diagram.
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would induce additional evolutionary changes, particularly changes in the
core mass and the potential for continued helium burning. The objects dis-
cussed in the mentioned article have mags2s 0:3M , while our MESA
models predicted that helium burning stars have masses only slightly above
0:4M , which is typical for such stars. Our simulations indicated that the
inclusion of heavy elements signi cantly in uenced the compactness of the
inner core, leading to helium or hydrogen ashes in cases with lower initial
masses.

This chapter in the thesis aims to analyse the Brunt-Vaisala frequency
during the evolutionary track of star and other astroseismology parameters
available in MESA. Here, we describe the star's evolution after removing the
envelope, which we marked as core evolution, which we arti cially split into
different parts. After removing the envelope, we divide the core evolution
into the following ve stages:

1. After removing the envelope this stage occurs immediately after
removing the envelope and lasts until the helium burning begins. The
phase is very short and likely unobservable.

2. Stable helium-burning: in this stage, the star (with a mass oM
in a speci ¢ case) can sustain helium burning.

3. Helium burning in the shell: even if helium burning continues, this
stage signi cantly impacts the radilsand effective temperatuii,
which is observable in the H-R diagram.

4. Unstable and thermal pulses instabilities characterize this stage; it is
also very short.

5. Cooling down: the star begins cooling down along the WD track.

We investigated the paramef@,, representing g-mode spacing for 1.
DPy is then de ned by the following equation from Dziembowski, Moskalik,
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and Pamyatnykh (1993) D
202

2
DRy = R (2.26)
—dr
Here,N is Brunt-Vaisala frequency, and with the assumption of an ideal gas,

we can de ne it as follows:

(2.27)

whereg is an adiabatic index. The frequenilycan be split into structural
and compositional components to understand what is responsible for this
frequency in a given star.

DRy reached a value of a few days during part of the evolutionary process of
modelling sdO, which can be seen in Fig 2.6 in the middle panel - green solid
line. Analysis revealed that the structural characteristics of the star played
pivotal roles in shaping the calculated Brunt-Vaisala frequency. Speci cally,
the dominance of thencomposition term deep in the star near the convective
core increase®P, to the value of the order of days. This nding should
underscore the importance of accurately modelling the chemical composition.

However, we reached the following conclusions after discussing the results
privately with Dr. Wojciech Szewczuk. The analytical equation used for cal-
culatingDPy in the subroutine of MESA does not answer what is responsible
for the excitation of a given period. He found no similar pulsation period
using our input in the code from Walczak and Kopacz (2024).
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Figure 2.6 The evolution of a star with a mass of L1 and metallicity 0fZ=0.0006 after

arti cially removing the envelopeTop panel Evolutionary track of the star. Models marked
represent time steps tfis=500" 10° yrs, wheretys is the total time spent on M$iddle

panel Age of the star versus physical parameters: nucleosynthesis (integrated luminosity
of given elements generated from burning), solid green curid®jsblack vertical lines
represent changes of stages as in top panel, with name of the stage is written between lines,
and red dashed lines represent age position for which we plotted pro les in Figure 2.7.
Bottom panel Age of the star versus radius of the star and helium core inside of the star,
together with effective temperature.
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Figure 2.7 The pro le of the mass abundance of helium and carbon, position of the convection
and nuclear reaction of given processes inside of the star with initial masd 2&and
Z=0.0006, after arti cially removing envelope, pro le# has the same naming convention as
in the middle panel in Figure 2.6. Relative age is calculated as total age minus age when the
envelope from the star was removed.
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2.9 My work - in article about WD

Additionally, | contributed as coauthor to the article PriSegen et al. (2021), also
available in Appendix B. | created a script to verify the results of identifying
new WD candidates under the supervision of Dr. Michal PriSegen in the
open cluster (OC). Our objective was to identify if newly found WDs can
be assigned to known OC. | additionally provided input on the possible
implication of mass constraint of the progenitor based on the known age of
OC.






Chapter 3

Stellar Atmospheres

Understanding stellar spectra is pivotal for deciphering the properties and
behaviours of stars. Stellar spectra arise from the interactions between light
and matter within a star's atmosphere, revealing valuable information about
its temperature, composition, and motion. For writing this chapter we used
the following literature: Ostlie and Carroll (1996), Kaler (2011) and Swi-
hart (1971)

3.1 Hydrodynamics equations

The hydrostatic equilibrium equation was already presented in chapter 2.4.1.
The Boltzmann equation, which provides a comprehensive description of the
kinetic distribution function to a given ion, can be expressed as:

T fi D f
[0 Dt
wheref; is the distribution function for a given iohjs time,u is velocity,
F is force acting on the particles aitis the gradient operator with respect
to position, ancﬁlp Is the gradient operator with respect to momentum. The
term on the right side, %{i ol represents the collision term which accounts

for changes in the distribution function due to collisions between patrticles.

+(u R)fi+(F Np)fi= (3.1)

coll
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Standard procedures can be followed to derive the corresponding moment
equations for the distribution function starting from this Boltzmann equation.
This process involves integrating the Boltzmann equation over the appropriate
velocity space and yielding a set of macroscopic conservation laws that
describe the behaviour of the uid's moments. Zeroth order Boltzmann
equation is also sometimes called an equation for conservation of the mass

Mir -

—+ N (rv)=0: 3.2
N (32)
The rst moment of the Boltzmann equation, also called the momentum
equation for an inviscid uid:

r%+rv Nv= Np+rg: (3.3)

The second moment of the Boltzmann equation called the energy equation, is

2 2
Al re+r7V +N rv(e+ VE) = N (pv)+rvg, (3.4)

wherev is macroscopic velocityp is pressureg is gravity ande is internal
energy. Several approximations are commonly employed to simplify the equa-
tions in a stellar atmosphere. Typically, the stationq}[;yc()) and static\(=0)
approximations of the medium are used. The plane-parallel approximation is
often applied, simplifying the problem's geometry to dependence solely on
thez coordinate.

3.2 Local vs non-local thermodynamical equilibrium

The description is simpli ed if we assume that the material's thermodynamical
equilibrium (TE) is valid. Although TE cannot be assumed in a stellar
atmosphere, the concept of local TE (LTE) can be used, where the temperature
and number density (or electron number density) are well de ned locally. The
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electron number density is frequently used in stellar atmospheres since charge
neutrality is typically maintained. The Maxwell-Boltzmann distribution
describes the velocity distribution in LTE:

3=2 mV2
P e

nydv= dv4pv’n (3.5)

2pksT

Here,ny is the number density of particles with velocitym s the particle's
mass, and is temperature. The Boltzmann equation gives the ratio of the
densities of particles in the energy stat® i, 7'

nj _ 0 E; E

— = =2 eXx —_ 3.6
N i P ke T (3:6)

wheren; is the number density of particles in the energy sfatg is the
statistical weight for a given energy level, aBdis energy at level. The
Saha ionization equation describes the ionisation equilibrium of atoms in gas

or plasma.
Nx+1_ 2Uxer 3 b Ex+1 Ex .
Nx Ne Ux kBT ’

(3.7)

2pmekgT 12
h? ’
whereN is the number of atoms at a given ionisation stagas the electron
number densityJ is the partition functionme is the mass of the electron,
his the Planck constant, arttk ionisation energy oK-th state. Here, we
will rewrite this equation for hydrogen for two ionization states, which can be
simpli ed as total density is constait = Ng+ N;. We also de nez= ng=N,
S0 we get to the following equation:

| = (3.8)

Ex+1 Ex

keT

e = | 3exp (3.9)

1
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Figure 3.1 Hydrogen degree of ionisation o= 13:6eV, for different densities of electron.
Calculated from Eq.3.9. The script can be also downloaded as Python notebooks from
https://is.muni.cz/www/kajan/scripts/ .

wherezis a fraction of ionisation for hydrogen. This equation was used for
calculating Figure 3.1.
In summary, if TE holds:

1. particles have Maxwell Boltzmann distribution,

2. the Boltzmann excitation equation describes energy levels population
and Saha ionisation equation,

3. The Planck function can describe the radiation eld.

In non-local thermodynamics equilibrium (non-LTE), we allow the popula-
tions of atoms' energy levels to deviate from their LTE values while assuming
that particle velocities follow a Maxwell-Boltzmann distribution. In a stellar
atmosphere, massive particles, such as ions and atoms, generally maintain
LTE and exhibit a Maxwellian distribution of velocities. However, radiative
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transitions can become more signi cant than collisional processes as we move
higher in the atmosphere, where densities decrease. This shift typically occurs
because the collision rate drops while radiative processes remain relevant.

When radiative transitions begin to dominate over collisional transitions,
the balance must be considered to accurately describe the population of energy
levels, which is:

nié_(Rij+Cij): é_ nj(Rji + Cji); (3.10)
j6i j6i
wheren; represents the number density of partickg represents radiative
rates with a transition from levelto level j, andC;j represents collisional
rates. This equation ensures that the total rates of transitions into and out of
each energy state are balanced, which is crucial for accurately determining
the non-LTE populations in the stellar atmosphere.

Even in regions where radiative rates become signi cant, LTE can still
be maintained locally if the collisional rates are high enough to minimise
deviations from the Maxwellian-Boltzmann distribution. In deep layers of the
atmosphere, where densities are higher, collisional processes dominate, and
photons do not escape ef ciently; thus, the LTE approximation remains valid.

3.3 Radiative transfer

The radiative transfer equation, which describes radiation propagation through
the stellar atmosphere, is a fundamental aspect of analysing stellar spectra.
This equation is central to understanding how light is emitted, absorbed, and
scattered, shaping the observed spectra. A stellar atmosphere is a region from
which photons can escape, and the whole observed spectrum originates from
this thin region of the star. We begin with the de nition of speci c intensity,
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l; , which is connected with energy de ned as:
dg = I, dl dtdAcogq)dW, (3.11)

whereE,; is the energydA is the areadW is the solid angledl is the
wavelength interval, andt is the time interval. This quantity describes the
amount of radiant energy passing through an area in a given direction and
provides a macroscopic description of the radiation eld at any point in space.

Next, considering the conservation of energy, radiation of wavelength
| passing through a material over distambewith densityr , absorption

coef cient k, , and emissivity coef cieng; , the preservation of energy gives
rise to the radiative transfer equation:

dl :
d_l(: nhr k| ri: (3.12)

We can also rewrit%'ix to a differential derivative

i, 190

ﬂX c ﬂt = j| r k| rI| ; (313)

wherec is the speed of light. In thermal equilibrium, the source function
S equals the Planck functid® (T), which describes the radiation intensity
emitted by a black body at temperatdreSource functiorg is de ned as
the ratio of the emissivityj( ) to the absorption coef cientk| ):

Ji
S (3.14)

The Planck function is given by:

2hc? 1 _
| 5 explhcH kgT) 1

B (T)= (3.15)
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In LTE, the source function can be written&s= B, . In equilibrium within
the stellar atmosphere, each process is counterbalanced by its inverse, result-
ing in no net energy being withdrawn from the radiation eld. Consequently,
the radiative ux maintains a constant value throughout the layers below the
stellar surface:

Frad= CONst= s T (3.16)

whereF4qis radiative ux.

In radiative equilibrium, the energy absorbed by the material is balanced by
the energy it emits. Following the formalism of Hubeny and Mihalas (2014),
and neglecting thermal conduction and convection, the material energy equa-

tion in static atmosphere models can be expressed as:
Zy
(hjr krJ)d =0 (3.17)
0

where the integral runs over all wavelengths, dpdepresents the mean
intensity of radiation. With using Eq. 3.14, we can rewrite it in the following

way (for the condition thalk, r 6 0):
Zy
(§ J)d =0: (3.18)
0

This equation includes the condition that, over all frequencies, the net energy
exchange via radiation is zero.
Alternatively, this equilibrium condition can be formulated as:

N F=0; (3.19)

whereF denotes the radiative ux. Both equations re ect that there is no net
gain or loss of radiative energy within the material because it is in radiative
equilibrium.

The radiative transfer equation, the speci ¢ intensity, and the source func-
tion form the basis for interpreting the light from stars and understanding
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their atmospheres. In summary, the radiative transfer equation deals with the
movement and interaction of radiation within the stellar atmosphere. By ex-
amining both the radiative transfer and the hydrostatic equilibrium equations,
we can achieve a comprehensive understanding of stellar atmospheres and
interiors. The radiative transfer equation provides insights into the emergent
spectrum and energy distribution, while the hydrostatic equilibrium equation
reveals the internal pressure and density distribution necessary to counteract
gravitational collapse. Together, these equations form the foundation for
studying stellar atmospheres and the intricate balance of forces that sustain
stars.

3.4 Briefoverview of TLUSTY code

The TLUSTY code (Hubeny and Lanz (1995)) computes classical model
atmospheres under approximations of plane-parallel geometry, horizontal
homogeneity in hydrostatic and radiative equilibrium. In our research with
TLUSTY, we aim to explore new features introduced in the latest versions
of both TLUSTY and SYNSPECQC referencing their respective manuals
for comprehensive understanding: Hubeny and Lanz (2017a), Hubeny and
Lanz (2017b), Hubeny and Lanz (2017c) and Hubeny et al. (2021). Without
these guides and explanations, this work would not have been possible.

The equations involved are non-local and depend on the geometry of the
atmosphere. The radiative transfer equation can be derived from Eq. 3.12,
then we would get: ,

axh %) (Jt',zJ' )3 s (3.20)
where f; is the variable Eddington factor, monochromatic optical depth
denedasdt; = k; dx
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The assumed hydrostatic equilibrium is de ned as

dP
— =0 21
whereP is the total pressure, amdis Lagrangian mass. The energy balance
is calculated as follows using equation Egs. 3.17 and 3.19:
Z Z
¥ ¥d(fi J)

a ¢ d hotd +p Mg S
0

4 _ A
o Tt T =0 (322)

wherec = k r is absorption coef cient per volume unh,= j r is emission

per volume unita andb are constants. In the code TLUST&is 1 for the

upper layers of the atmosphere and 0 for deeper layerd) asmthe opposite

way. These equations represent what we refer to as energy balance, with
the term in brackets after representing the integral form and the term in
brackets afteb representing the differential form. The distinction between
"deep" and "surface" layers is treated as a free parameter, crucial for the
numerical stability for solving the equation. Speci cally, the transitioraof

from O to 1 at a particular depth is critical; if not handled properly, it can lead
to convergence issues affecting the entire model.

The TLUSTY code can also incorporate non-LTE effects, particularly
important for modelling hot stars with rare ed atmospheres dominated by
radiation. In such case§L.USTY calculates the population of various atomic
species energy levels within the stellar atmosphere, considering processes
like ionisation, excitation, recombination, and de-excitation. This capability
allows for detailed modelling, where multiple energy levels for each ion can
be separately considered at the cost of extra calculation time and numerical
instabilities. Input parameters can be adjusted for different chemical elements
as needed.

At the lower boundaryT LUSTY uses diffusion approximation, in which
the Planck function fully approximates the source function. No photons can
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escape in this region, and thermal equilibrium can be assumed. This approach
simpli es the radiative transport method, which is expressed as a Taylor series
of the rst two terms, describing the outward-defected speci ¢ intensjfy (
as:

|7 = Bp+ m(dB,=dtp): (3.23)

Here,B, is the Planck functionmrepresents the cosine of the polar angle
(mFcogy), whereq is the angle between the direction of propagation and the
normal to the surface.

In the static approximation, materials cannot exhibit convection. However,
in codeTLUSTY, convection is described using mixing length theory, which
incorporates convection through the following equation

Fradt Feonv=S Te4ff; (3.24)

where F5q represents radiative uxFcony IS the convective ux of state
parameters (such asiT, p,...).

3.5 TLUSTY - spectra of cooler stars

This section outlines the methodology employed to generate the synthetic
spectra used in this chapter. The primary objective of modelling is to produce
spectra that can be compared with observed data, providing input param-
eters that predict various spectral features. To generate synthetic spectra
across a range of temperatures and gravities, we utilise@llthsSTY?® and
SYNSPEGQ codes. In this text, we focus on demonstrating the effects of
temperature variations on speci ¢ wavelengths. The latest veflBidnSTY

was employed to enable the calculation of spectra for cooler stars (in our case,
from 10 kK, but it is possible to extend it for much lower values), a capability

lversion 208
2yersion 54
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Table 3.1 Schematic procedure for creating spectra for cooler stars in TLUSTY.

CODE: \ SYNSPEC \ TLUSTY \ SYNSPEC
Step & 1.st & Calculating| 2.nd & Generating model 3.rd & Creating spectrum
Description| opacity tables of the atmosphere

included in this recent version. One small technical detail about convection
is that the newest version calculates the adiabatic gradient from the speci c
entropy as the primary quantity.

Generating model atmospheres and synthetic spectra for cooler stars in-
volves a multiple-step process as detailed in Table 3.1. This table visualises
the procedural steps and provides a comprehensive visualisation, described
next in the text.

In the rst step, we use SYNSPEC to create an opacity table. If we nd
during the next steps that our opacity table is unsuitable or does not cover
enough density or temperature range in the star, we can generate a new one.
This table is crucial for modelling the stellar atmosphere and generating
synthetic spectra. We selected the default input in SYNSPEC to generate an
opacity table with 100,000 wavelength points logarithmically spaced between
900 110,000A. A discrete set of temperatures, logarithmically distributed
within a de ned temperature range, alongside a set of speci ed densities,
distributed within designated density intervals More details of the opacity
table are provided in Tab. 3.2. We want to emphasise, as it was mentioned
in Hubeny et al. (2021), that we need to includgdHand TiO opacities for
cooler stars. Lastly, opacity tables are generated for speci c elements, which
means that if we want to calculate some elements in non-LTE in the future,
we need to calculate a second opacity table without these elements. In our
case, "OTf.dat" is a table for all elements and "OThhec.dat" table excludes
H, He, and C elements. Also, the atomic opacity and molecular opacity (for
T < 8kK) were included in this opacity table.
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Table 3.2 Opacity tables that are available and can be downloaded from:
https://is.muni.cz/www/kajan/tlusty-opacitytables/ .

Name of Opacity Table # points and range af # point in densities and
T Temperature/ kK 7 range of Densities / g cn?

OT1 11 &5.5-35 7&5 101 10°

OT2 12 &5-35 14&10%° 10°

In thesecond stepve employTLUSTY to generate the model of the star's
atmosphere. Initially, we created LTE grey atmosphere model using opacity
table "f", which includes all elements. Then, the LTE model serves as the
input for calculating the non-LTE model, where H, He, and C are treated as
non-LTE. We utilise the opacity table "hhec", which excludes these elements.
It is important to note that after calculating each model'tlUSTY, we
always check if the model converged correctly.

In thethird step we utilise the model atmosphere calculated from TLUSTY
(".5" and ".7"), which have been calculated using the opacity tables, as input
into SYNSPEC to calculate the spectrum for our speci ¢ input (".55"). Itis
crucial to adjust the input ".5" le by changing the value from 1 to 5 (MODE)
for all elements in the opacity table. If it is left to MODE = 1, then the
element is treated implicitly and contributes to line opacity, while MODE =5
also includes the bound-free opacities of the given species. We also provide
opacity tables and model atmospheres ".5" and ".7" to simplify for readers and
ensure reproducibility. Additionally, elements for which the opacity table was
calculated to have mode changed to 5 in the le ".5" for easy recalculating
spectra with SYNSPEC.

To generate spectra for hotter stars with the mentioned input parameters,
we updated the le ".5" with newer ionisation potential data to match the new
SYNSPEC 54 version. We also provided the model atmospheres (output) ".5"
and ".7" calculated from TLUSTY (Non-LTE H, He and C other elements
in quasi-explicit) les, which were calculated with the opacity table OT1
and used in this section. The cooler star's spectra were then plotted into
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top panels in Figure 3.2 and 3.3. Then we also generated spectra for hotter
stars, which we then plotted into middle and bottom panels of Figure 3.2 and
3.3, the input models for this hotter star are les ".5" and ".7" taken from
Lanz and Hubeny (2007). Lastly, we plotted the top of the four strongest
absorption lines in the given interval plus hydrogen and helium lines, which
were calculated by script. These gures then effectively demonstrate the key
changes in spectra due to variations in temperature and gravity, providing
valuable insights into stellar atmosphere modelling.

3.5.1 Available to download

Downloadable les can be used in the code SYNSPEC to generate spectra
or a physical model of the atmosphere. They are free to download on the
website: https://is.muni.cz/www/kajan/tlusty-opacitytables/.

You can also download the ".dat" opacity tables mentioned in this text,
which are needed to calculate the TLUSTY model.

3.5.2 My work - acknowledgement

Spectra of cool stars were used to help distinguish some features of cool stars
in Piecka, Hutschenreuter, and Alves (2024).
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Figure 3.2 Synthetic spectra generated by code TLUSTY. All gures display the same
wavelength range. In each gure, we marked the four strongest absorption and hydrogen lines
within this wavelength range based on line widths determined by SYNSPEC. Additionally,
the names of the elements responsible for these lines are indiCaipganel Spectral
differences with temperature xed at 15kK while gravity variddiddle panel Spectra with
temperature xed at 10kK while gravity varieBottom panel Spectra with gravity xed
log(g=[CGY) = 4 while temperature varies.
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Figure 3.3 Similarly as gure 3.2, but with different wavelength range. Synthetic spectra
generated from code TLUSTY. A few important elements are markepl panel Difference

in spectra with temperature xed at 15 kK while gravity varididdle panel Spectra with
temperature xed at 10 kK while gravity varieBottom panelSpectra with gravity xed at
log(g=[CG9) = 4 while temperature varies.






Chapter 4

Plasma and MHD In stars

4.1 Introductionto MHD

Plasma, often called the fourth state of matter, is essential for understanding
the universe, mainly because stars predominantly exist in a plasma state. It is
crucial to grasp the physical process governing plasma to describe celestial
bodies accurately. The complex nature of plasma presents a challenge because
it cannot be treated as a single uid material. In plasma, electrons and
ions may move at different velocities, leading to distinctive and sometimes
unexpected behaviours that require careful analysis.

We will use the de nition of plasma based on the book Karlicky (2014).
Plasma is de ned as a partially or fully ionised gas. With the following
assumption, it is electrically neutral overall, a property referred to as quasi-
neutrality. Additionally, plasma is characterised by the collective behaviour
of its particles. For a plasma composed of electrons and progorasndp™),
following conditions must hold:

1. The system exhibits collective behaviour when the mean force from
nearby interactionss Fnhear>, becomes negligible compared to the
signi cantly stronger force from distant interactiodsFgist > :

< Fnear™ < Fdist>: (4.1)
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2. The number of particles within the Debye sphere must be much greater

than one;
1

— 1; 4.2
iz (4.2)

wheren is a plasma density arldy is Debye length.

3. The thermal kinetic energy is signi cantly larger than electrostatic en-

ergy.
KE PE: (4.3)

whereKE = ( 3=2)kgT is kinetic energyPE = e?=(4pegl p) is electro-
static energy, and, is electrical constant anglis electron charge.

Next, we explore a few key concepts in plasma physics that build on
these foundational properties. One of the most important concepts is Debye
shielding, a phenomenon where a plasma screens out electric elds over a
characteristic length called a Debye length, which is de ned as:

| D r eOkBTZ
Ne€2
Debye length represents the minimal distance for which electrons do not feel
charge from protons as it is shielded by surrounding plagmp (

Another key concept is plasma oscillation. Plasma oscillation is a collec-
tive electron oscillation in a plasma, driven by the system's natural tendency
to restore local charge neutrality when perturbed. This oscillation, a conse-
guence of quasi-neutrality, occurs at a characteristic frequency known as the
plasma frequency (for electrons) de ned as:

2 Ne€”

° eome’

The hydrodynamic equations discussed in chapter 3.1 must be extended by
coupling them with Maxwell's equations to describe plasma dynamics fully.

(4.4)

(4.5)
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These equations govern the behaviour of electric and magnetic elds in the
plasma (in a vacuum):

~ B r_
N E= ~ (4.6)
N B=0; (4.8)
N B= my(j+ eFE); (4.9)

whergj is current density; is electric charge densitgy vacuum permeability
(E andB are, as always, the intensity of electric and induction of magnetic
elds, respectively).

We can derive the induction equation by analysing Maxwell's fundamental
equations, which are essential in describing the dynamics of magnetic elds
within a plasma:

B=N (v B)+ hK?B; (4.10)

whereh = 1=mys is magnetic diffusivity § is electric conductivity).
To compare different terms in the induction Eq. 4.10, we introduce the
magnetic Reynolds numbédRry)

Rp= 7. (4.11)

which compares the relative importance of advection and diffusion in the
plasma. For cases wheRg, is small or when characteristic velocities are low,
the induction equation reduces to the diffusion equation:

B = hN?B: (4.12)

In contrast, wheRy, is large, typical of high-velocity or collisionless plasma
(n'!' 0), the equation simpli es to:

B=N (v B): (4.13)
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4.2 The magnetosphere of hot stars

Hot stars, particularly those of early B-type, often exhibit strong magnetic
elds that signi cantly in uence their circumstellar environments. The
MIMES project estimates that the observable magnetic eld is present typ-
ically about 7 per cent of hot stars [Grunhut et al. (2017)]. Stars with a
magnetic eld have strong geometrically simple magnetic elds [Shultz et
al. (2019)]. Hot stars have radiation-driven winds, which, coupled with a
magnetic eld, affect the wind [ud-Doula and Owocki (2002)]. The in uence
of the magnetic effects on the wind can be qualitatively described by the
magnetic con nement parameter, which would be de ned later in Eq. 4.16.
For moderate con nemenh( 1), the magnetic eld starts to channel the
wind and affects its density and speed, while strong con nentent (10)
leads to even shock waves that can produce hard X-ray emission.

Moreover, the centrifugal magnetosphere contains regions where the
trapped material can co-rotate [see Romanova and Owocki (2016) for a
review]. They also address the scenario of disk accretion, where the stellar
magnetic eld can truncate the inner regions of the disk and in uence the
trajectory of matter as it accumulates onto the star. Numerous observational
effects exist as pieces of evidence for the magnetosphere in various spectral
domains, speci cally the X-ray domain [Nazé et al. (2015)], ultraviolet [UV,
Marcolino et al. (2013)], near-infrared [Oksala et al. (2015)], radio [Leto
et al. (2021)], and A [Owocki et al. (2020)].

Further details, including a visual schematic of the stellar magnetosphere,
are provided in Figure 4.1.

4.2.1 Origin of the magnetic eld in hot stars

We do not think the star's magnetic eld is of dynamo origin because rotation
IS not connected with the strength of magnetic elds. The magnetic eld of
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Figure 4.1 Schematic of a stellar magnetosphere for an aligned dipole around a rapidly
rotating star. Taken from Shultz (2020).

hot stars is similar to that of WDs and NSs [Shultz et al. (2018)]. For this
reason, they are believed to be of fossil origin. Fossil magnetic elds are
distinguished by their long-term stability and primarily poloidal structure.
These magnetic elds are believed to be fossil elds, remnants from earlier
evolutionary stages. These elds can be strong (several kilogauss) or weak
(few Gauss), stable over long periods, and exhibit (dominating) a simple
dipolar topology without showing complex surface activity cycles [Shultz
et al. (2018)]. The strength and structure of these elds vary signi cantly
among different stars, leading to diverse magnetospheric characteristics. The
magnetic axis is tilted relative to the rotational axis (the angle is marked as
b). However, the exact origin of these fossil elds remains unknown. The
guestions of why and where they are generated are still open but constrained
by magneto-astroseismology. The leading theories of why some stars are
magnetic suggest that primary stimulus may arise from the conservation of
magnetic ux from the ISM during star formation or as a consequence of
stellar mergers. Also, magnetic stars are known to rotate more slowly than



54 Plasma and MHD in stars

their non-magnetic counterparts (Wade and Neiner (2018)). The slow rotation

of magnetic stars was also reproduced in the article Keszthelyi et al. (2020),
where they have very rapid spin-down caused by the magnetosphere rotation
during the evolution simulation in MESA.

One of the few cases of the star, potentially originating from a binary
merger, is discussed by Shenar et al. (2023). Speci cally, the Wolf-Rayet
(WR) star HD 45166 (it is a binary star system) exhibits a signi cant magnetic
eld, mean magnetic eld modulus
< B>=(43 2:5) kG, identi ed through Zeeman splitting. This strong
magnetic eld, combined with its high temperature and luminosity, classi es
WR star HD 45166 as a potential progenitor of a magnetic NS (magnetar)
after it explodes as SN Ib or IIb type. The future presence of magnetar is
deduced with the assumption of magnetic ux conservation and core collapse,
which gives the nal product magnetic eld in order G0** G. This can be
veri ed in the following way. From Eq. 4.13, it is possible to derive Alfvén's

(or frozen in ux) theorem de ned as:
q 7

— B dA=0; 4.14
G B UA=O (4.14)

where S is the surfac®, is the magnetic ux andh is the area. For all the
details and conditions required for derivation, see Eq. 11.14 in Kato and
Fukue (2020). From this, we see that if the star radius shrinks @88R
(estimated by Shenar et al. (2023)) to the siz&2Km or 0:00001/R (while
the area of the star igR?), we get:

0:88 2

-1 4.
43kG oo = 115 10YG: (4.15)

Spectral analysis revealed the presence of helium and carbon lines, which are
typical of Wolf-Rayet stars. An evolutionary model suggested the star could
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have formed by merging two helium-core white dwarfs. This process likely
led to the enhancement of the star's magnetic eld.

4.3 Theory of rigidly rotating magnetosphere

A model known as the rigidly rotating magnetosphere (RRM), proposed by
Townsend and Owocki (2005), describes many of the observed features asso-
ciated with circumstellar magnetospheres of magnetic stars. According to this
semi-analytical model, the matter accumulates around hot stars with dipole
magnetic axis with arbitrary angke to the rotation axis. RRM assumes that
the material and the star have rigid rotation due to a strong magnetic eld till
some point Ra Alfvén radius), and they were able to solve effective centrifu-
gal plus gravitation potential along each of the eld lines, which also gives this
model predictive properties. This approach allows them to pinpoint potential
minima where material will likely accumulate. The resulting accumulation
surface resembles a rigidly rotating, warped disc, tilted so that its average
surface is oriented between the rotation and magnetic axes. Using a basic
model of the effects of plasma emissivity, they can generate time-resolved
synthetic line spectra for the disc. Subsequently, the RRM model can explain
why we observe hydrogen Balmer emission associated with cool material
even at a temperature of 20 kK.

We can summarise that the magnetosphere in hot stars has two key aspects:

1. Magnetic Con nement: The ability of the magnetic eld to trap and
channel the ionised stellar wind. It is often introduced as a con nement
parameter calculated as the ratio of the energy density of the magnetic
eld and the kinetic energy density of the wind in the following way:

2 2
h = ibi;)\zz(in Sl unitg = %(in Cgs unit3; (4.16)
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whereB is intensity of magnetic eld at the surfacR,is the radius of
the starM is wind mass loss rate amg is terminal velocity of the wind,
andmy( 4p 10 "N:A ?)is the permeability of vacuum [Romanova
and Owocki (2016)].

2. Stellar Wind-Magnetic Field Interaction: The interaction between
the outward- owing stellar wind and the magnetic eld lines leads to
magnetospheric currents and shocks forming.

4.4 Dynamical vs centrifugal magnetospheres

In the study by Petit et al. (2013), the magnetospheres of massive stars are
classi ed based on the ratio of two key parameters: the Alfvén radius
(scaling with magnetic wind con nement) and the Kepler corotation radius
Rk (scaling with stellar rotation).

% 0:3+(h + 0:25 % (4.17)
whereh is de nedin Eq. 4.16. [Ud-Doula, Owocki, and Townsend (2008)]
and

oM 1=
W2 ,
whereG is gravity constantl is the mass of the star, alidis angular rotation
frequency. Based on the ratio of the mentioned radii, the classi cation system
organises stars with magnetic elds not only by observational signatures but
also by providing theoretical predictions.

Using these parameters, we can determine which radius dominates and,
based on this, infer the type of magnetosphere around the magnetic star.
If the Kepler radius is smaller than the Alfvén radius, the plasma in the
wind is forced to rotate with the same angular velocity as the star up to
the Alfvén radius. Between the Kepler radius and the Alfvén radius, this

Rk (4.18)
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Figure 4.2 Sketch of the regimes for dynamical versus centrifugal magnetospheres (DM
versus CM). Petit et al. (2013)

plasma possesses suf cient angular velocity (centrifugal acceleration) to
counterbalance gravity, creating a centrifugal magnetosphere (CM).

In contrast, if the Alfvén radius is smaller than the Kepler radius, that
plasma cools down and eventually falls back to the stellar surface. This results
in dynamic changes, hence the term dynamical magnetosphere (DM). The
scenario of DM vs CM can be seen in a sketch in Fig. 4.2.

Next, we summarise the typical evolution of a magnetosphere for an early
magnetic B-type star as was done in Shultz et al. (2019). Initially, the star
has a strong magnetic eld (8kG) and rapid rotation, making its large CM
detectable. As the star ages, its surface magnetic eld is weakened due to
an increasing radius and gradual ux decay, while angular momentum is
lost through its magnetised wind. In its middle age, the CM persists, but
Ha emission vanishes. As the star approaches the TAMS, the CM vanishes
entirely due to a decrease in the intensity of the magnetic eld to just a few
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hundred Gauss#Ra). At the same time, the rotational period extends to tens
of days { Rk).

Petit et al. (2013) elegantly explained observational signatures and con-
nected them with theoretical predictions. They show that two distinct popula-
tions of magnetic stars withdlemission can be identi ed: slowly rotating
O-type stars exhibiting narrow emission pro les consistent with a DM and
more rapidly rotating B-type stars displaying broader emission pro les associ-
ated with a CM. The explanation is that O-type stars have high mass-loss rates,
suf cient to accumulate enough material for line emission within a relatively
short timescale. This high mass-loss rate also contributes to the magnetic
spin-down of stellar rotation. The suf cient material and typically slow ro-
tation speed produces a typical O-type star with DM, producing narraw H
lines. In contrast, B-type stars, with relatively weaker stellar winds, require a
longer timescale to accumulate enough material for emission. Consequently,
the actual spin-down timescale for B-type stars is signi cantly longer, which
increases the likelihood of observing DM.

4.5 Effects of stellar wind-magnetic eld interaction ex-
cluded from RRM model

4.5.1 Analytical dynamical magnetosphere

Hot, massive stars exhibit strong stellar winds and intense magnetic elds
that create complex magnetospheric structures. To explain UV non-thermal
emission and other aspects which were observed from stars with magnetic
eld (i.e. X-ray emission with non-thermal peak at 25 MK [Robrade et
al. (2018)] or nearly 100% circular polarised radio emission, both from the
star CU Vir classi ed as ApBp or magnetic chemically peculiar), there was
developed the theory of analytic dynamical magnetosphere (ADM) Owocki
et al. (2016) which provides explicit formulae for temperature and ow in the
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Figure 4.3 Rotation con ned diagram taken from Shultz et al. (2019).

magnetosphere. It is based on the RRM model and the results of many 2D
and 3D magneto-hydrodynamics simulations. To describe it very brie y, it
focuses on DM, in which the three main components are the material trapped
in the ow, hot post-shock gas, and cooled downfall. So, the one model can
account for and predict cool and hot material trapped in the magnetosphere
and the presence of wind, similar to MHD simulations.

In Munoz et al. (2020), the authors investigated whether photometric
variability could be modelled using ADM. They also simulate magnetospheres
by misaligning the magnetic dipole with the rotational axis, in ADM (and
RRM) theory angle denoted as They get that for larger tilt angleb & 60 ),
the warping of this disk becomes more pronounced. Because the star rotates
with a xed magnetic pole and its associated disk, this con guration can give
rise to various spectral features.
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4.5.2 Magnetically con ned wind shocks

The wind-shock model developed by Babel and Montmerle (1997) proposes
that the magnetic eld con nes the stellar wind, causing wind components
from both hemispheres to collide and create strong shocks. This process
ef ciently converts kinetic energy into X-ray emission, explaining the ob-
served luminosity and temperature. They also show that ambipolar diffusion
or current sheet formation might empty the magnetosphere. Furthermore,
they also suggest that electrons are accelerated through second-order Fermi
acceleration to radiate, as is observable in GHz.

ud-Doula et al. (2014) explained how X-rays are produced in magnetically
con ned wind shocks (MCWS) in massive stars with radiatively driven stellar
winds. For stars with standard mass-loss rate dependence on luminosity
(M LYY, inverse Compton cooling becomes important in lower luminosity
stars. X-ray emission remains signi cant for stars with suf ciently high mass-
loss rates to sustain radiative shocks. In contrast, stars with lower luminosity
and weaker winds experience reduced and softened X-ray emission due
to shock retreat, resulting from the increased post-shock cooling length as
illustrated in Fig. 4.4. A semi-analytic scaling analysis, which considers
both the wind's magnetic con nement and the shock retreat, produces an
XADM (ADM for X-ray) scaling law for X-ray luminosities that follow a
similar trend but are slightly higher than the average values from the full
MHD simulations.

4.5.3 Electron cyclotron maser emission in magnetic stars

Over two decades have passed since the phenomenon of coherent radio
emission via electron cyclotron maser emission (ECME) from hot magnetic
stars was documented. The precise physical condition responsible for the
ECME generation remains uncertain. However, recent studies proposed an
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Figure 4.4 Shock retreat taken from ud-Doula et al. (2014).

empirical relation connecting ECME with stellar temperature, magnetic eld
strength and luminosity, as tested by Leto et al. (2021) and Das et al. (2022Db).

The physical mechanism ECME can be explained following work by Mel-
rose and Dulk (1982). ECME is generated by the anisotropic pitch angle
distribution of electrons developed within magnetic ux tubes. Electrons
with initially large pitch angles are re ected outward due to the magnetic
mirroring, and the rest (with a small pitch angle) penetrate deeper into the
inner magnetosphere, where they are thermalised in the dense plasma. Re-
ected electrons have a distribution population based on pitch angle, where
the small pitch angles are missing. This mechanism produces nearly 100 per
cent circularly polarised radiation at frequencies close to the rst and second
gyro-frequency, with emission directions almost perpendicular to the local
magnetic eld.
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Figure 4.5 Schematic of different parts of the magnetosphere of a magnetic hot star, taken
from Trigilio et al. (2004)

Only a few stars with observed ECME were known for a long time. The
rst such star identi ed was CU Vir [Trigilio et al. (2000)], and it took another

15 years before the second star, ECME HD 133880, was found [Chandra
et al. (2015)]. To determine whether the ECME mechanism is responsible
for observed radio emission from the star, the following conditions must be
satis ed (and we must detect them): a high brightness temperature, signi cant
circular polarisation, and alignment with the magnetic nulls.

The discovery of only two stars exhibiting ECME over a decade led to the
perception that this phenomenon is rare among hot magnetic stars. This rarity
initially contributed to the speci ¢ condition required for ECME generation,
particularly the presence of a quadrupolar magnetic eld component (Leto
et al. (2012)).

However, advancements in observational techniques have led to the iden-
ti cation of more stars exhibiting ECME, suggesting that this phenomenon
might be more common than previously thought. Between 2018 and 2021,
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ve more stars with ECME were reported: HD 142301 [Leto et al. (2019)],
HD 142990 [Das et al. (2019a)], HD 35298 [Das et al. (2019b)], HD 147932
[Leto et al. (2020Db)], and HD 147933 [Leto et al. (2020a)].

With reworking criteria on how ECME can be observed even in unsuitable
cases, Das et al. (2022a) discovered that the additional eight stars are classi-
ed as main-sequence radio pulse emitters (MRP). The criteria for identifying
MRP candidates likely to exhibit ECME are signi cant ux density enhance-
ments observed over a rotational phase window close to or encompassing a
magnetic null. The physics idea behind this criterion is that ECME is a highly
directed phenomenon requiring precise alignment for detection. However,
the emission can decrease polarization due to observation effects, even 0 per
cent for the observer. With these re ned criteria and a sample of 15 stars,
they estimated that at least 32 per cent of hot magnetic stars can produce
ECME. However, this is a very conservative estimate. They concluded that
this estimate is still too strict because data were very sensitive to miss the
occurrence of magnetic nulls and because of errors in ephemerids or phase
offsets. This estimation of 32 per cent of the population of magnetic stars is
valid only for stars withlgg from 9 kK to 23 kK and with a period of less
than two days.

4.5.4 Centrifugal breakout scaling law

In the paper by Leto et al. (2021), they analysed the incoherent gyro-synchrotron
radio emission from early-B to early-A spectral types. Despite varying stellar
parameters and wind properties, these stars shared similarities in their radio
emission, contrasting with traditional wind scenarios. The expected mass-loss
rates did not reproduce the observed non-thermal radio spectra similar to
Jupiter's. This suggests a common mechanism for electron acceleration in
large-scale, well-ordered magnetospheres across different types of celestial
objects, from Jupiter (planets) through ultra-cool stars to hot stars.
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Shultz et al. (2022) showed that gyrosynchrotron emission is exclusively
observed from stars with large CM, same as emissioraroHas they write
that radio-bright stars occur in the same part of rotation-magnetic con nement
diagram Fig. 4.3. They proposed the close correlation and stability (tens of
years of observation) betweeraHvidth with radio luminosity, suggesting a
unifying mechanism. The mechanism can be a centrifugal breakout (CBO).
That also implies that gyrosynchrotron emission requires rapid rotation and a
strong magnetic eld.

In a very genius way, the article from Owocki et al. (2022) summarises
empirical analyses and suggests the CBO model in explaining a similar
rotation- eld dependence of &l line emission,

Leeo' MWPRRK P (4.19)

whereLcgo is CBO luminosity,M is wind mass-loss rat&)y is rotational
frequency,R is radius of the starp is effective multipole index antic
centrifugal magnetic con nement de ned ag %, Vorp IS surface orbital
velocity andBy is surface magnetic eld strength. They also calculated
ef ciency scalinge 10 8, which represents the relationship betwéego

and the fraction that, in the end, contributes to radio luminosity.

4.5.5 Dips - problems caused by only a simple dipolar model

Photometry has revealed spots dominating light curves of hot and cool mag-
netic stars. The study Kdka et al. (2022) investigates the complex light
curves of chemically peculiar stars, focusing on phased multiple features in-
terpreted as dips or warps. The idea was that these dips could be explained by
the matter accumulated in the equilibrium due to effects combining low-order
axisymmetric multipoles with weak higher-order non-axisymmetric multiples,
which can warp the equilibrium structure. This phenomenon may occur even
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in typical magnetic hot stars and might also apply to cool stars in which the
dipolar magnetic eld dominates.

4.6 My work - Auroral emission modelled in TLUSTY

This section provides an overview of the additional research carried out during
my PhD studies, which contributed to the published article Kajanckati

and Kubat (2024), attached at the end of this thesis in the appendix. In
the article, | studied auroral emission lines generated from magnetic eld

interaction with stellar wind. While auroral emission is studied in planetary

and ultra-cool dwarfs, as a radio emission, it was not found in the spectra of
hot stars.

Our idea was that if the magnetic star has a magnetosphere where the
particles, primarily electrons, are trapped and accelerated, this has already
been observed. Then, if some of these electrons (we modelled the effect
as high-energy photons) impact the surface of the hot star, it can generate
changes in spectra for speci c lines, which we can denote as auroral lines.

We used TLUSTY code to simulate these auroral lines by modelling the
interaction between the star's atmosphere and strong, high-energy irradiation.
We could identify potential auroral emissions by generating high-resolution
synthetic spectra from model atmospheres. These emission lines were mostly
found in the infrared range.

The most prominent line produced by the irradiation was He ii at 69458
A, which showed up in all our model atmospheres, which have effective
temperatures from 15 to 30 kK. We also calculated the minimum irradiation
needed to detect this line. Changes in the population of different excited states
of the atoms involved explained the appearance of emission lines. Besides the
infrared emission lines, high-energy irradiation also led to infrared excess.
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We also searched in FUSE observation from the MAST catalogue, where
we found no potential candidate for auroral emission in the UV part of the
spectrum. However, this was before our models concluded that the IR range
was the best way to look at.

4.6.1 Departure coef cient b-factors in irradiated atmospheres

One key aspect that helped us better understand the irradiated atmosphere
was an analysis of helium ion departure coef cients (b-factors) in stellar
atmospheres. We examined the single ionized helium b-factors because
we discovered that helium creates IR emissions in all irradiated models.
Speci cally, we want to see the deviation far= 7 andn = 8 (principal
guantum number) of helium Il (single ionized helium), as this was the most
prominent line.

Here is a short overview of b-factors in stellar atmospheres. Departure
coef cients, or b-factors, describe the deviation of the energy levels for
speci c ionized ions (or atoms) from LTE. They are de ned in the following
way:

ni

b = P (4.20)

|

wheren; is the LTE population of level i, ang is the Non-LTE population

of level i. [Hubeny and Mihalas (2014)]. Under LTE conditions, the b-factors
are always equal to 1, which we will use later in the analysis.

The importance of b-factors lies in their ability to highlight the role of
radiative processes and collisions in determining atomic state populations.
Signi cant deviations from LTE (indicated by b-factors far from unity) em-
phasise the necessity of considering non-LTE effects when modelling stellar
spectra, as they in uence both the strengths and pro les of spectral lines.

We analysed the b-factors of helium levels in non-irradiated and irradiated

models, as shown in Figures 4.7 and 4.6. In the gure, we used denotation to
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describe the model based on the effective temperature (i.e. t15 represents the
model withTe = 15kK) and dilution factor "W". The deviation from LTE

was relatively small in non-irradiated models at lower effective temperatures
(< 21kK). However, signi cant deviations in the upper atmosphere appear
only for the highest temperature model (30 kK). The lower energy levels of
He Il (levels 1-5) exhibited similar trends, with the 30 kK model showing a
marked departure from LTE, particularly at the principal quantum number
n= 5.

For the irradiated models, the progression of b-factors was generally
consistent across different temperatures, with the 30 kk model being a notable
exception. These ndings suggest that the conditions remain close to LTE at
every level deep within the atmosphere, where the Rosseland optical depth is
approximatelyt 10 1. However, ag becomes much smaller (signi cantly
less than 2/3, a value often used to de ne the "stellar surface"), the deviation in
b-factors between the irradiated and non-irradiated models starts to increase.
This coincides with the region where the temperature rises as the Rosseland
optical depth decreases, indicating that the emission originates from this
speci c zone.
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Figure 4.6 Behaviour of b-factors in dependence of mean Rosseland optical depth, for levels
(principal quantum number) of single ionized heliums from 1 toL®&ft columns:non-
irradiated models for different models written on the top of a given gr&uyht columns
irradiated models with dilution coef cient on the top of a given grapimy row: a model

with the same effective temperature is in the same row. Every model uses the same colour
coding described in the legend in the graph in 3rd row on the left.
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Figure 4.7 Same as Fig. 4.6 but for principal quantum number frenb ton= 20.
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4.6.2 \Verifying convergence of models

Before proceeding with any detailed analysis, ensuring the convergence of the
stellar atmosphere models was essential. The latest version L8 TY

code includes a script, "tlusty.py,"” which visualises the convergence log,
providing a clear picture of the iterative process and helping verify whether
the models converged adequately. In our work, we considered a model to
have successfully converged if the maximum relative change in any parameter
was less than 0.1 per cent.

Fig. 4.8 illustrates this convergence for the t15nlte modlg| € 15kK,
with speci ¢ elements calculated in Non-LTE). The lower right graph clearly
shows the convergence criteria being met.

Ensuring convergence was critical to guarantee the accuracy and reliability
of the subsequent results derived from these models. This determined a barrier
for the strongest irradiation in which the model can converge. Also, it was
essential to change some input for models to ensure better convergence or,
In some cases, not neglect physics, i.e., emission in lines needed to be not
turned off; the "ITLAS" parameter, which is a ag for turning off laser lines,
was turned off.

4.6.3 False emissionin SYNSPEC

During our analysis, we encountered an issue with the old version of the
SYNSPEC code, which generated false emissions under certain conditions.
Speci cally, when "imode = 1" was used for elements calculated in LTE, the
code produced strong, unphysical emissions.

As shown in Fig. 4.9, P V (four-time ionised phosphorus), calculated only
in LTE, exhibited a strong emission peak. This emission does not correspond
to any synthetic physical conditions in the atmosphere. This false emission
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